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ABSTRACT
The Small Magellanic Cloud multiple system HD 5980 contains a luminous blue variable
(LBV) that underwent a major eruption in 1994, and whose current spectrum is that of a
hydrogen-rich Wolf–Rayet (WR) star. Since the eruption, the wind mass-loss rate has been
declining while wind speeds have been steadily increasing. Observations obtained in 2014
when Star A (the LBV) eclipses Star B indicate that the fitted mass-loss rate and luminosity
have reached the lowest values ever determined for such spectra: Ṁ = 4.5 × 10−5 M¯ yr−1, L
= 1.7 × 106 L¯. In addition, the radius of the LBV’s continuum-emitting region is similar to
that derived from the eclipse light curves of the late 1970s. Hence, it appears to have attained
a similar ‘low’ state to that of the late 1970s. While a good fit to the emission spectrum is
obtained using a CMFGEN model, there are discrepancies in the UV. In particular, the extent of
the observed absorption profiles is ∼1000 km s−1 greater than predicted by the emission-line
intensities. Further, HST UV observations obtained in 2016, when Star A is eclipsed by Star B,
show unusual P Cygni profiles that are not easily explained. Surprisingly the 2016 emission-
line spectrum is similar to that at the opposite eclipse obtained in 2014. The complex UV
profiles are likely to arise as a consequence of the dynamics of the wind–wind collision and
radiative braking, both of which will cause significant departures from spherical symmetry,
and have a strong orbital phase dependence. However, other scenarios, such as intrinsically
aspherical winds, cannot be ruled out.

Key words: binaries: eclipsing – stars: individual(HD 5980) – stars: Wolf–Rayet – stars:
winds, outflows – stars: mass-loss.

1 IN T RO D U C T I O N

HD 5980 is a multiple system in the Small Magellanic Cloud (SMC)
containing a massive star (M ∼ 61 ± 10 M¯; Koenigsberger et al.
2014), referred to as Star A, which underwent a luminous blue
variable (LBV) type eruptive event during 1993–1994. Its current
spectrum is that of a Wolf–Rayet (WR) nitrogen-sequence WN5-6.
It has a close eclipsing companion that is believed to also be a WR
star of similar spectral characteristics which is named as Star B (M
∼66 ± 10 M¯; Koenigsberger et al. 2014). These two stars cycle
around each other with a PAB = 19.3 d and an eccentricity of 0.3. A
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third light source is also present in spectra of HD 5980. This object,
called Star C, possesses a late-O-type spectrum and is believed to
be a supergiant. Its photospheric absorption lines undergo periodic
radial velocity (RV) shifts indicative of a PC = 97 d and eC = 0.8
orbit. With such a large eccentricity and short period, Star C cannot
be in orbit around the AB pair according to the stability criteria of
Mardling & Aarseth (1999) as can be seen from equation (23) in
Toonen, Hamers & Portegies Zwart (2016). Hence, Star C is itself a
binary system which may or may not be in a very long period orbit
around the AB pair.

The potential importance of the HD 5980 system for understand-
ing LBVs, stellar evolution, and stellar winds cannot be understated.
For example, due to its large masses and the low metallicity of the
SMC, the system could evolve into a black hole – black hole binary,
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and hence it could be similar to the progenitor systems that gave
rise to black hole mergers detected by LIGO (Abbott et al. 2016).
The similarity of the two WN stars, and the short orbital period,
indicate that their winds will undergo complex interactions and will
be influenced by the radiation field of the companion star. Moreover
the variability of Star A indicates that the nature and strength of these
interactions will change with time. Due to its importance we have
been obtaining spectra of the system on a regular basis. Observation
of P Cygni lines in the UV are of particular importance, since the
absorption components in such lines trace gas along the line of
sight.

P Cygni spectral lines are widely used to infer the wind speed,
mass-loss rates, and ionization state of the winds of O-type stars,
WR stars, and LBVs. The method by which these parameters
are determined consists of fitting theoretical model line profiles
and spectral energy distributions to the observations. With few
exceptions, the theoretical models assume that the stellar wind
consists of a spherically symmetric, monotonically accelerating
outflow, and that the central source irradiates the wind in a similarly
symmetrical manner. Furthermore, the models assume that the wind
is in a stationary state or that, at worst, its variability does not
strongly affect its large-scale structure.

In binary star systems the situation is much more complex. For
example, there will be a wind–wind collision that will produce
shocks, X-rays, density enhancements, and inhomogeneities. Fur-
ther, the radiation field of one star can modify the wind structure
of the second star, and if the orbits are elliptical, the changes will
depend on orbital phase.

Despite its binary nature, theoretical models have been quite
successful in fitting the observed spectra of HD 5980 during epochs
in which the erupting star’s wind dominated, suggesting that the
departures from the simplifying assumptions did not strongly
influence the spectrum. However, the new UV spectra that we report
in this paper indicate that asymmetries (e.g. binary interaction via
winds and the radiation fields) cannot be neglected, and reveal that
there is much in this system that we do not understand.

In this paper, we are primarily concerned with HST data obtained
in 2014 and 2016, and that are described in Section 2. An historical
overview of the HD 5980 system is provided in Section 3. In
Section 4, we discuss the binary system in detail, laying the
groundwork for understanding our new (and future) observations.
In this section, we discuss stellar winds (Section 4.1), eclipses
(Section 4.2), short-term photometric variability (Section 4.3),
Star B (Section 4.4), and Star C (Section 4.5). A discussion of
spectral variations and further inference about Star A and Star B is
provided in Section 5. The results of performing CMFGEN fits to the
2014 observations are described in Section 6, while in Section 7,
we discuss the extended absorptions seen on the UV resonance
transitions (Section 7.1), and the unusual profiles (particularly the
C IV resonance transition) obtained in 2016 (Section 7.2).

2 N EW HST OBSERVATIONS

The HST/STIS observations of HD 5980 were obtained under
Program ID 13373 on 2014 March 24 and under Program ID 14476
on 2016 September 21. Both sets of observations, summarized
in Table 1, were acquired with the same set-up. Specifically,
two medium dispersion UV spectra were obtained with the FUV
MAMA, E140M grating (1100–1700 Å) through the 0.2 × 0.2
arcsec slit. These were followed in rapid succession by three
low dispersion CCD spectra covering the wavelength range 1700–
10 000 Å.

Based on the Sterken & Breysacher (1997) ephemeris for HD
5980, the 2014 spectra were obtained at orbital phase 0.004 ± 0.001
which corresponds to the (partial) eclipse in which Star A passes in
front of Star B. The opposite (partial) eclipse occurs at φ = 0.36.
The 2016 observations were obtained at 0.349 ± 0.002.

Foellmi et al. (2008) suggested a possible correction in the
initial epoch for the orbital phase calculation (new value T0 =
2443 158.865) which they needed to align the φ = 0.36 minimum
in the 2003 and 2006 photometric data with that of 1978. If the need
for this shift is confirmed, then our 2014 observations would have
been obtained at φ = 0.995 ± 0.001, at which time any P Cygni
absorption components arising in Star B would still be eclipsed.
The 2016 observations would have been obtained within the phase
range 0.338–0.344. Although dependent on the current size of the
optically thick region in Star A, it is unlikely that Star A was totally
eclipsed.1 For consistency with our previous papers, and until an
ephemeris modification is confirmed, we will continue to use the
Sterken & Breysacher (1997) ephemeris.

The data were processed with the standard STIS pipeline
calibration.2 In order to ensure homogeneity, we retrieved our
previous STIS observations3 obtained in 1999, 2000, 2001, and
2009 from MAST,4 all of which were reprocessed with the
same STIS calibration pipeline as used for the 2014 and 2016
observations.

3 H ISTO RICAL PERSPECTIVES

As our understanding of HD 5980 is far from complete, and since
the historical record may influence our interpretation of the current
observations, we provide here a brief historical perspective of the
system.

3.1 Photometric history

The Harvard Patrol Plates covering epochs between 1899 and 1951
do not reveal large visual magnitude fluctuations (M. Hazen 2005,
private communication cited in Koenigsberger et al. 2010), although
they do indicate that B ∼ 11.4 until around 1918, when a slow
decline to B ∼ 11.8 occurred. Between 1936 and 1951 it remained
at this low state, but with several brief brightness enhancements.
Photometric measurements during 1970–1980 indicate V ∼ 11.86
(Azzopardi & Vigneau 1975) to V ∼ 11.6 (Feast, Thackeray &
Wesselink 1960). The long-term continuum variability after 1979
can be described in terms of two distinct characteristics. The first is
a slow increase in visual brightness which started in ∼1982, peaked
in 2000, and then has been declining to the present day. The second
consists of two sudden and relatively brief episodes of brightness
enhancements, the first in 1993 (V ' 10) and the second in 1994
(V ' 8.7) (Bateson & Jones 1994). The latter had a duration ≤1 yr,

1The STIS/MAMA spectrum of 2014 was obtained in two successive
acquisitions and the second one is at slightly lower flux levels than the
first one. According to the modified T0, the corresponding orbital phases
would have been 0.993 and 0.997, respectively, consistent with a deeper
eclipse during the second segment.
2http://www.stsci.edu/hst/stis/documents/handbooks/currentIHB/stis ihb.p
df.
3Data sets O55Q, O6CD, OB2N.
4STScI MAST: Mikulski Archive for Space Telescopes. STScI is operated
by the Association of Universities for Research in Astronomy, Inc., under
NASA contract NAS5-26555. The data described here may be obtained from
https://dx.doi.org/10.17909/T9RP4V.
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Table 1. STIS 2014 and 2016 observations of HD 5980. We list the identifier of the data set in the first column, the grating that was used in the second, the
resolving power in the third, the exposure time in the fourth, the wavelength coverage in the fifth, and in the sixth column the approximate signal-to-noise ratio
(SNR) at the wavelength listed in the seventh column. R is calculated as λ/21λ where 1λ = 0.05 Å per pixel (STIS Instrument Handbook, table 4.1).

Set ID Grating R texp λ-range S/N λ

(sec) (Å) (Å)

ocax0 2014
1010 E140M 11 400–17 400 2608 1150–1700 25 1525
1020 E140M 11 400–17 400 2070 1150–1700 20 1525
1030 G230LB 620–1130 300 1700–3050 60 2100
1040 G430L 530–1040 60 2900–5670 70 3600
1050 G750L 530–1040 60 5300–10 200 70 5680
od3g0 2016
1010 E140M 11 400–17 400 2837 1150–1700 27 1525
1020 E140M 11 400–17 400 2028 1150–1700 21 1525
1030 G230LB 620–1130 300 1700–3050 43 2100
1040 G430L 530–1040 60 2900–5670 30 3600
1050 G750L 530–1040 60 5300–10 200 38 5680

approximately a factor of 4 longer than the first event (Bateson &
Jones 1994; Koenigsberger 2004).

3.2 Overview of optical spectral variations

Photographic plates obtained in 1955–1965 in the South African
Astronomical Observatory were digitized and analysed in Koenigs-
berger et al. (2010). The spectra of 1956–1962 display strong and
broad He II λ4686, as well as H β + He II, He II λ4542, H γ + He II

emission, and on most spectra, N IV λ4058. This N IV line lies
near the end of the tracings where the noise generally increases
significantly. However, it is absent in a few spectra with relatively
good S/N, particularly starting in 1962.

Walborn (1977) described his visual spectrum of 1973 and 1977
as follows: ‘broad He II λ4686 emission with extensive wings;
P Cygni profiles at N V λλ4604, 4620; strong N IV λλ3479−3485
emission but no N IV λ4058. Well-marked He I absorption, but only
traces of He II’. This led him to classify it as OB? + WN3. Hence, the
apparent absence of N IV λ4058 seen in the 1962–1965 photographic
plates seems to be real. The earliest spectra indicate that the WR
component had a WN4 type spectrum, which gradually evolved to
WN6 in 1991 (Koenigsberger et al. 1994). By 1993 this spectrum
was WN7. The 1993 event is associated with a shift in spectral type
from WN6/7 to WN8 and back again (Moffat et al. 1998). The more
violent 1994 event involves an even greater shift in the dominant
spectral type.

A striking feature of the early (1955–1965) spectra is the vari-
ability in the width of the emission lines, first reported by Feast et al.
(1960). The full width at half maximum (FWHM) intensity of He II

λ4686, for example, has values ranging from 1000 to 2200 km s−1

(Koenigsberger et al. 2010). In the few spectra with good enough
S/N at N IV λ4058 and in which it is present, this line seems to behave
similarly. Breysacher & Perrier (1980) pointed out the orbital-phase
dependence in the FWHM variations: lines are narrowest during
conjunctions compared to other phases, with maxima occurring
around elongations, and an even more remarkable feature is that
this variability persists throughout all epochs during which spectra
are available (Moffat et al. 1998; Koenigsberger et al. 2010). Moffat
et al. (1998) point out the uniqueness of this type of variability.
Indeed, to our knowledge, it is not observed in any other WR binary
system.

Due to the similarity in magnitudes of Star A and Star B, the
precise spectral classes of the two components are unknown. In
the unnormalized spectra illustrated by Breysacher & Westerlund
(1978) absorption in higher members of the Balmer series is clearly
evident, and this absorption was associated with one of the stars
in the system. However, given the visual magnitude of the system
at that time, and the strengths of higher Balmer lines relative to
the Ca II interstellar line, which are similar to that seen in today’s
spectra, the higher Balmer series members must be strongly affected
by Star C.

The earliest optical spectrum of the 1994 eruption was obtained
in September of that year, and shows strong H emission lines
(Barbá et al. 1995; Heydari-Malayeri et al. 1997), indicating that
the star undergoing the outburst contained hydrogen. In addition
to the Balmer-H emission lines, the visual spectrum shows He I

P Cygni lines, as well as low-ionization emission from N II, Si III,
Fe III (Heydari-Malayeri et al. 1997). The optical spectrum was
very similar to that of P Cygni (B1Ia), except for the presence
of the weak and broad He II λ4686 line. This high-ionization line
increased in strength by ∼50 per cent between September 10 (phase
0.68) and September 12 (phase 0.72) and its RV appears to have
changed from 66 to 129 km s−1. These speeds correspond to −84
and −21 km s−1 in the HD 5980 rest frame, adopting a systemic
speed of +150 km s−1 for the SMC. Thus, if these RVs correspond
to orbital motion, then He II λ4686 would have had its origin in Star
A, not Star B as had been assumed.

In this spectra the He II Pickering decrement clearly shows an
odd–even effect indicating that at least one star has H. However,
it is unclear whether Star B contains H. In the Galaxy, most WNE
stars exhibit little or no H. However, in the SMC most of the WN
stars are of type WNE, are relatively weak-lined, show absorption
lines, and generally contain hydrogen (Hainich et al. 2015).

3.3 Overview of UV spectral variations

The UV spectral characteristics of HD 5980 are illustrated by Fig. 1,
which shows the spectral evolution over the time frame 1979–
2014. Detailed descriptions for UV data up to 2009 are given in
Koenigsberger (2004), Koenigsberger et al. (1998a), Koenigsberger
et al. (2010), Koenigsberger et al. (2014), and references therein.

The slow brightness increase from 1982 through 2000 correlates
with an increase in emission-line strength, a decrease in width, and
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Figure 1. Montage of UV spectra from 1979 to 2014. Spectra are suc-
cessively shifted vertically by 10−12 erg cm−2 s−1 for clarity in the figure.
The spectra and corresponding orbital phases are plotted from bottom to
top as follows: SWP4345 (0.91), SWP42470 (0.05), SWP52888 (0.51),
SWP53226 (0.43), SWP56205 (0.99), o6cd01010+o6cd01020 (0.99),
ocax01010 + ocax1020 (0.99). Particularly striking in these low-resolution
plots is the distinct 1994-outburst spectrum, and the variation of the Si IV

λλ1394, 1403, and N IV] λ1486 lines. SWP refers to the short wavelength
prime camera of IUE.

a corresponding decrease in the terminal wind speed, V∞ (Georgiev
et al. 2011). Outflow speeds are in the range ∼1700–2200 km s−1.
This trend is interrupted, however, during the 1994 eruption when
the dominant lines now arise from lower ionization species such as
Si II, Si III, Fe III, and Al III, most of which display P Cygni profiles
indicating outflow speeds of ∼200–600 km s−1. At this stage, the
spectrum was shown to be very similar to that of the B1.5I+ star
HD 1822 by Koenigsberger et al. (1996), except for the abnormally
strong and wide Si IV λλ1394, 1403 lines. In the earliest UV
spectrum obtained in 1994 the expansion speed deduced from the
P Cygni lines correlates with the degree of ionization: Si IV indicates
V∞ ' 1640 km s−1, Al III λ1854 indicates V∞ ' 670 km s−1 while
the lower ionization lines indicate speeds ≤400 km s−1, the latter
consistent with what is observed by Heydari-Malayeri et al. (1997)
in the optical P Cygni lines.

By 1995 March, the UV spectrum has reverted to a typical
WR spectrum, with P Cygni lines of N V, He III, C IV, Si IV, and
N IV, similar to its appearance in 1991 except for the stronger
line intensities. This is one of the striking features of the post-
eruption spectra: even though the spectral type reverts to that
of pre-eruption states, the emission lines continue to increase in
strength [equivalent width (EW)], reaching maximum in 1999–
2000 (Koenigsberger et al. 2010). This behaviour mimics that of
the continuum intensity (mv) which also peaks around the year
2000, after which it starts to decline, as do the emission-line
strengths.

Clear evidence for WR features together with the eruption
spectrum are seen in data taken on 1994 December 31 (phase 0.43;
labelled 1994b in Fig. 1) – in particular N V λλ1238, 1242, C IV

λλ1548, 1552, and He II λ1640 are seen (Koenigsberger 2004),
however, they are heavily contaminated by the wind/ejecta of the

outbursting star. At this epoch the sudden outburst phase is winding
down – the visual flux is roughly 1 mag fainter than at peak. In
UV data taken a month earlier, on 1994 November 24, at phase
0.5, the evidence for UV WR features is less clear although the
presence of He II λ1640 and C IV λλ1548, 1552 emission can be
gleaned, especially by comparison with the 1994 December 31
spectrum. Moffat et al. (1998) note the abnormal strength of He II

λ4686 in spectra taken even earlier, in 1994 September (Barbá
et al. 1995) and October (Heydari-Malayeri et al. 1997). It was
the continued presence of WR features in the outburst spectrum,
presumably arising from Star B, which suggested that it was Star
A that was varying. The presence of a hydrogen contribution in the
outburst spectrum reinforced this notion, since a bona fide WNE-
type star, as Star B was believed to be, is not expected to have a
significant amount of this element. As noted earlier, this argument is
flawed. WNE stars can have hydrogen, and at this time it appears that
both Star A and Star B have similar WNE-like spectra. Fortunately
RV observations confirm that it was Star A that varied. Specifically,
emission lines that were absent or very weak prior to the active
phase – N IV] and the Fe VI in the UV – were shown to follow the
orbital motion of Star A (e.g. Barbá et al. 1996). All subsequent
analyses assume that only Star A varies.

The presence of WNE features in the 1994 September–November
spectra is somewhat surprising since in 1994 September the τ =
2/3 radius derived by Drissen et al. (2001) of 280 R¯ exceeded
the semimajor axis of the system by almost a factor of 2, and
hence Star B would have been completely engulfed by the wind
of Star A. Even in 1994 December, when the mv was in decline,
a radius of 130 R¯ was inferred by Drissen et al. (2001). Given
the wind parameters derived at that time (Ṁ = 10−3 M¯ yr−1,
V∞ = 600 km s−1), Star B would still be engulfed by the wind of
Star A. Two scenarios can account for this apparent contradiction:
(1) Star A developed WR emission lines very shortly after the
1994 maximum; (2) Star B altered the eruption wind structure in
its vicinity sufficiently so as to allow its spectrum to reach the
observer.

Illustrated in Fig. 2 is the comparison of the C IV λλ1548, 1552,
and He II λ1640 lines in 1979 and 2014, showing that the spectrum
in 2014 has reverted to its pre-1980s characteristics.

4 INSI GHTS INTO THE SYSTEM AND I T S
W I N D S

4.1 The winds

To lay foundations for this and subsequent investigations, we briefly
discuss the winds, line formation, and the relative scale of the winds
and binary separation.

The orbital separation in HD 5980 is only 5–8 times larger than
the stellar radii. Thus, the winds of both stars do not reach terminal
velocity in the space between them. This statement is independent
of the influence of radiative braking (Gayley, Owocki & Cranmer
1996). The classic wind velocity law is

V (r) = V∞(1 − R∗/r)β . (1)

Adopting 20 R¯ as a typical stellar radius, β = 1, and a distance
equal to the average separation between the stars (i.e. r = a ∼
150 R¯), the wind only reaches 87 per cent of its terminal velocity
in the direction of the companion. In reality, there will be a wind–
wind collision between the stars. If we were to assume that the stars
have equal wind momenta, then V(max) = 0.73V∞. If β is larger
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Figure 2. Comparison of UV spectra in 1979 (SWP 4277, φ = 0.57, dots)
and 2014 (φ = 0.99) showing that the continuum and line fluxes of HD 5980
have declined to levels that are similar to those observed ∼35 yr ago. Further,
the lines have similarly extended P Cygni absorption components. Flux is
given in absolute flux units, not corrected for reddening.

than 1 (as suggested by the analyses of Georgiev et al. 2011), the
reduction in wind speed along the major axis may be even larger.
This will be even more likely near periastron because of the non-
negligible eccentricity. Further, as the evidence suggests that the
stars have similar luminosities and effective temperatures, radiative
braking must be playing a role.

As noted earlier, the orbital period of the AB system is 19.3 d
(Breysacher & Perrier 1980). Using a separation r = a ∼ 150 R¯
(i.e. r ∼ 7R∗) and V = 2000 km s−1 in the above expression, the
typical flow time is 0.60 d. This is a non-negligible fraction of the
orbital period, especially when we note that significant changes
in spectra are seen on this time-scale (see 4.4), and since the
resonance transitions can be optically thick beyond 100 stellar radii
(corresponding to a flow time of ∼8 d).

4.2 The eclipses

Analysis of photometric data obtained prior to 1991 (and hence prior
to the 1994 outburst) reported by Perrier, Breysacher & Rauw (2009)
indicates that Star A contributes ∼40 per cent to the V-band light,
Star B 30 per cent, and Star C 30 per cent. Neither of the eclipses
is total – the analysis of Perrier et al. (2009) suggests that during
the primary eclipse (i.e. the eclipse of Star B) only ∼70 per cent
of Star B’s light is blocked, while during the secondary eclipse
only ∼55 per cent of Star A’s continuum light is blocked. In their
analysis Perrier et al. (2009) allowed for an extended atmosphere
around Star B but assumed that Star A was an OB star without an
extended atmosphere.

The depth of the eclipses will be wavelength dependent due to
the wavelength dependence of bound-free and free–free processes,
and the presence of Star C. In particular, we would expect the
eclipses in the near-IR (e.g. at 2μm) to be different from those in
the optical and UV because free–free processes are more important,
and because the influence of Star C on the light curve will be less –

in the V-band Star A is only 30–40 per cent brighter than Star C but
at 2μm it is over three times brighter.5 Additionally, the eclipses
will be much deeper in the continuum than in emission lines, and
because emission lines are formed at different locations, the eclipse
depth will vary between emission lines.

If we consider spectra obtained in 1986 with the International
Ultraviolet Explorer (IUE), it can be shown that after correcting for
the presence of Star C by subtracting the spectrum of the supergiant
Sk 80, the spectrum at phi = 0.35 is very similar to that of phi
= 0.51 multiplied by 0.40. This implies that 60 per cent of the
continuum was eclipsed in 1986, consistent with the 55 per cent
stated above. Also, as expected, a smaller fraction of the emission
lines was eclipsed.

As a simple demonstration of eclipse effects we take a model
for Star A and compute the spectrum originating outside an impact
parameter of 25 R¯. This simulates the spectrum that would be
observed if Star B were a simple occulting disc located far from
Star A. In general, the spectrum is very similar to the unocculted
star, although, as to be expected, the EW of emission lines has
increased and there is a weakening of the P Cygni absorption
components (Figs 3 and 4). One distinct difference occurs in the
UV – in the occulted spectrum the Fe forest is noticeably weaker.
To match the V-band light curves of Perrier et al. (2009),6 about
40 per cent of Star A’s light is not blocked when it is eclipsed by
Star B. In reality the eclipse spectra are more complicated than this
– the stars are located in each other’s winds, there is a wind–wind
interaction, and along our sightline, the line photons emitted by the
more distant star can be resonantly absorbed/scattered by the second
wind.

In 2000 Star A was roughly 60 per cent brighter than in 2014 in
the optical and ∼20 per cent in the UV, and thus the influence of Star
B at phase 0.0 should be smaller than that inferred from analyses
of the pre-outburst light curve. However, with the fading of Star A,
Star B will have a more significant influence. According to the light
curve of Perrier et al. (2009), when Star A eclipses Star B, about
20 per cent of the observed V-band continuum, corrected for Star
C, arises from Star B. However, as noted earlier, the influence on
the emission lines will be larger.

4.3 Short-term variability

Photometric data indicate that HD 5980 exhibits micro-variations
not directly related to its orbital period. Breysacher (1997) and
Sterken & Breysacher (1997) find a period of ∼6 h and an amplitude
of 0.025 mag in data obtained shortly after the 1994 eruption and
suggest that it might be due to pulsations in one of the two stars. As
the oscillations persist through the eclipses, an alternative possibility
is that they are associated with Star C. Although most O stars do
not exhibit such variations, tidally excited oscillations (TEOs) have
recently been reported in the OB-type system ι Orionis (Pablo et al.
2017) and η Carinae (Richardson et al. 2018).

5Tests indicate the light curves in the K band may actually be similar to those
in the optical – an unfortunate consequence arising from the weakening
contamination of Star C being offset by the extended photospheres of the
two WR stars.
6Concurrent light curves are unavailable. Given the variability of the system,
these need to be obtained on a regular basis.
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730 D. J. Hillier et al.

Figure 3. In red we show the spectrum of Star A while in blue we show
the spectrum that would be obtained if Star A were occulted by a simple
disc with radius 25.1 R¯. To facilitate the comparison of line profiles, we
have scaled the occulted spectrum by a factor of 3.17 in the UV, and 2.50
in the optical. Because the line emitting region is larger, the lines suffer less
blocking than the continuum.

4.4 Star B

Observations before and after the eruption suggest that Star B
is also a Wolf–Rayet star (e.g. Niemela et al. 1997). In early
literature there is considerable confusion regarding the spectral
types of Star A and Star B because of the presence of absorption
lines from Star C. Its existence was not recognized until an RV
study by Niemela (1988), and it was later confirmed via spec-
troscopic observations (Schweickhardt 2000; Schweickhardt et al.
2000; Koenigsberger, Kurucz & Georgiev 2002) and photometric
observations (Breysacher & Perrier 1991; Perrier et al. 2009). While
it is obvious that Star A is variable, it is unclear whether Star B is also
an intrinsic variable.7 Both stars exhibit emission in N v λλ4604,
4620, although it appears to be stronger in Star A (Foellmi et al.
2008; Koenigsberger et al. 2014). Extensive observations presented
by Koenigsberger et al. (2014) show that the N v λ4944 emission is
double peaked during elongations and single peaked during eclipses,
and that the corresponding RVs track the orbital motion of each

7Even if it is not an intrinsic variable its emission-line spectrum will be
influenced by its companion star.

Figure 4. In red we show the spectrum of Star A while in blue we show
the spectrum that would be obtained if Star A were occulted by a simple
disc with radius 25.1 R¯. No scaling is done so that fluxes can be compared.
Because the line emitting region is larger, the lines suffer less blocking
than the continuum. However, the strong resonance lines still exhibit their
‘classic’ P Cygni profiles.

star. It is the RV variation of the N v λ4944 line that has been
used to infer the stellar masses. Unfortunately the N v lines do
not, by themselves, indicate the type of WR star. It could have a
fairly intense emission-line spectra (with emission in all of the He II

Pickering lines, etc., similar to a strong-lined WNE star) or it could
have a spectrum more closely resembling a weak-lined hot WR star
with upper Balmer and He II (n − 4) transitions only weakly in
emission, or even in absorption (Hainich et al. 2015; Neugent et al.
2017).

In 2005, the N IV λ4058 transition was primarily due to Star A
– this is apparent from its RV variation, and the relatively small
changes in profile shape. The association of N IV with Star A is
consistent with inferences from UV spectra – the N IV] λ1486 line
is weakening with time confirming that it was Star A that had
the outburst in 1994. The association of N IV λ4058 with Star A is
somewhat surprising as observations (during the period 1980–1983)
by Niemela et al. (1997) showed that its RV tracked that of Star B.

In the analysis presented by Koenigsberger et al. (2014) it was
assumed that in 2009 Star B presented the same spectrum as Star
A, except with a scaling for a difference in brightness (Star B
= 75 per cent Star A). With this assumption, reasonable fits to
N V λ4944, He II λ6036 (n = 21 to n = 5), He II λ6170 (n = 18 to n
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The enigmatic binary system HD 5980 731

Figure 5. Comparison of C IV profiles in 1999 at phases 0.36 and 0.40. To
facilitate the comparison we have subtracted off a model for Star C. Despite
the relatively small change in phase, the maximum absorption velocity at
phase 0.40 is substantially less than at phase 0.36.

= 5), C IV λ5805 doublet and N IV λ4058 near elongation (phases
0.13 and 0.80) in 2005–2006 were obtained. In general, however,
the spectra of the two stars outside of the eclipses are not additive,
and there are many spectral anomalies. For example, in the 2005
data, the same N IV λ4058 profile/flux fits the observed data at φ =
0.0, 0.37, and 0.8. However, at phase 0.13 there is an extra emission
peak, blueshifted from that of Star A (Foellmi et al. 2008). The shift
to the blue is consistent with the emission arising in Star B, but
it is unclear why extra emission (redshifted) is not seen at phase
0.8. The H γ line also exhibits extra blueshifted emission at phase
0.13. At phase 0.8, the profile is broader, with enhanced emission
on either side of the φ = 0.0 profile. The system is near periastron
at phase 0.13 and thus the RV separation of lines is a maximum. In
addition, the interaction processes are enhanced due to the smaller
orbital separation.

Among the interaction effects, a wind–wind collision is the one
that is likely to dominate. Koenigsberger (2004) discussed the
manner in which the changing orbital separation and Star A mass-
loss characteristics can affect the geometry of a wind–wind shock
cone. However, because of the uncertainty in the parameters of Star
B, fully constraining the shock geometry is not currently possible.
Furthermore, given the large mass-loss rate of each star, the shocks
may not be adiabatic and will exhibit complex instabilities (Stevens,
Blondin & Pollock 1992; Nazé et al. 2018), to the extent that the
shock cone geometry will be highly disrupted. Hence, our use
here of the term ‘shock cone’ should be interpreted to mean the
interaction region containing the shocked winds from Star A and
Star B.

These instabilities imply that spectra and photometry will exhibit
random fluctuations from cycle-to-cycle. In this context, the UV
spectral data taken in 1999 at phases 0.36 and 0.40 are particularly
illuminating. In accord with eclipse expectations, the data at
phase 0.40 are brighter than at phase 0.36 by about 13 per cent.
However, despite the relatively small change in phase, the maximum
absorption velocity at phase 0.40 is substantially less than at phase
0.36 (Fig. 5).

To explain this phenomenon, one could envisage that at this
epoch, the wind of Star A, being substantially stronger than that of
Star B, wraps around Star B. However, calculations and observations
of the wind–wind collision at X-ray wavelengths (Nazé et al. 2018)
both show that this is not the case, thus leaving the observed
variation in P Cygni absorption components unexplained.

4.5 Star C

Although Star C is also a binary, our model for this star (see
Section 6), treated as though it were single, does an excellent
job of removing its contaminating influence from the observed
spectra. There are as yet no spectral features identified that can
be associated with the companion. The presence of Star C in UV
spectra is best exemplified by its influence on the N V λλ1238,
1242, and C IV λλ1548, 1552 resonance transitions, and by the
presence of photospheric transitions due, for example, to O IV

λλ1338, 1343, and the C III λ1176 triplet (Georgiev et al. 2011).
However, there is an indication that Star C is also variable. In
particular the location of the blue edge of the C IV λλ1548, 1552
transition due to Star C seems to be variable, and this variability
cannot be eliminated by RV variations if these are fixed by the
photospheric absorption line. In many of the plots we have removed
Star C from the observations. While there is still some uncertainty
in the parameters and hence the spectrum of Star C, this procedure
allows changes in fluxes and spectra of the AB binary to be better
appreciated. In general, the ‘black’ portions of the N V λλ1238,
1242, and C IV λλ1548, 1552 resonance transitions are close to
zero in the corrected spectra despite the significant variations in
continuum flux from epoch-to-epoch. Because of the variation in
the location of the blue edge of the P Cygni profiles, small glitches
in the bottom of the P Cygni profile are sometimes produced, but
these do not affect the analyses. In the optical, Star C reveals itself
through the presence of weak photospheric O III λ5592 and He I

absorptions.

5 SP E C T R A L VA R I AT I O N S A N D F U RTH E R
I N F E R E N C E A B O U T Star A A N D Star B

In order to further illuminate the nature of Star A and Star B we
will compare spectra obtained at different epochs, and at different
phases. Since the year 2000, the limited UV observations we have
been able to secure have been obtained (with one exception) at
orbital phases φ '0, which is when Star A occults Star B. Star A’s
wind velocity can thus be monitored since the Star B wind region
where P Cygni absorptions are formed is eclipsed. This strategy
allows us to compare spectra of Star A obtained at different epochs,
and to characterize its changing properties. Georgiev et al. (2011)
analysed spectra from epochs 1994, 2000, 2002, and 2009 using
CMFGEN (Hillier & Miller 1998), and were able to derive the mass-
loss rate Ṁ , total luminosity L, and radii and temperature at different
optical depths. The basic conclusion of these analyses is that Ṁ and
L have been systematically declining since 1994. At the same time,
V∞ has been increasing.

Tables 2 and 3 list the energy contained in the most prominent
lines and in the continuum bands centred at 1850, 2550, 2900,
3600, and 7360 Å for the epochs 1979, 2000, 2002, 2009, 2014,
and 2016. For the emission lines, this energy is the integral over the
line profile above the continuum level (or below in the case of the
absorptions), and typical uncertainties are ∼10 per cent. The line
strengths of 2014 have declined to their 1979 levels. The similarity
of spectra in 1979 and 2014 is shown in Fig. 2. The differences
in the spectra, such as a lower continuum level and stronger He II

λ1640 (and N V λλ1238, 1242, which is not shown), are likely due
to the different orbital phases of the observations: φ = 0.91 in 1979
versus φ = 0.00 in 2014. A more detailed discussion of the spectral
changes is presented below.
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732 D. J. Hillier et al.

Table 2. UV absolute fluxes not corrected for reddening.

Line ID 1979a 2000 2002 2009 2014 2016
Ion (Å) (10−12 erg cm2 s−1)d

N Veb 1240 21.0 29.3: 25.6 21.1 22.4 11.0
N IV] 1486 <3 14.6 12.2 6.0 4.8 4.6
C IVa 1550 −18.0 −23.7 −21.8 −20.5 −20.3 −24.2
C IVe 1550 17.7 25.5 23.7 15.6 16.9 9.6
He IIa 1640 −3.7 −2.3 −6.0 −5.0 −3.0 −3.1
He IIe 1640 46.5 93.7 78.8 58.2 50.3 47.8
N IVac 1718 −4.7 −7.9 – −4.8 −3.3 −3.9
N IVec 1718 8.7: 13.3 7.1: 4.3 6.0 2.2
He II 2385 – 2.52 1.91 0.96 1.0: 0.5
He II 2511 – 3.74 3.22 1.34 1.76 1.6
He II 2733 – 5.48 4.78 2.52 2.92 2.93

(10−12 erg cm2 s−1 Å−1)
Fc 1850 1.60 1.68 – 1.52 1.38 1.57
Fc 2550 – 0.75 – 0.66 0.60 0.69
Fc 2900 – 0.55 – 0.52 0.47 0.49

Notes: aThe 1979 spectrum is SWP 4345 from IUE, obtained at orbital phase
0.91.
bThe N V λλ1238, 1242 EW is strongly dependent on the chosen continuum
level.
cThe N IV λ1719 line in 2002 is on the edge of the order.
dUncertainties are on the order of 10 per cent, although values followed by a
: have a higher uncertainty. The strength of the P Cygni lines were measured
by simultaneously fitting Gaussians to both the absorption and emission
component. Strong interstellar lines do not affect the fluxes obtained by the
fitting procedure. Negative fluxes indicate absorption.

Table 3. Visual fluxes not corrected for reddening.

Line ID 2000 2014 2016
Ion (Å) (10−12 erg cm2 s−1)

He II 3203 9.54 5.27 5.42
N IV 3483 2.34 1.48 1.23
He II 3923 0.26 <0.10 –
He II + H 3968 0.41 0.07 –
He II + He I 4025 0.53 0.30 0.06
N IV 4058 1.08 0.55 0.31
He II + H 4100 1.94 0.83 0.47
He II 4200 0.57 0.30 0.34
He II + H 4338 1.38 0.55 0.49
He II 4541 0.97 0.38 0.33
He II 4686 14.1 7.76 8.14
He II + H 4859 2.24 1.13 1.11
He II 5411 1.68 0.98 0.93
C IV 5806 0.67 0.28 0.23
He I + He II 5875 0.68 0.23 0.27
He II 6170 0.08 – 0.01
He II + H 6560 3.96 2.06 1.96
He IIbl 6683 0.56 0.30 0.23
He II 6890 0.30 0.14 0.16
N IV 7120 1.15 0.57 0.45
He II 7177 0.60 0.22 0.28
He II 7592 0.47 0.25 0.20
He II 8236 0.48 0.28 0.23

(10−12 erg cm 2 s−1 Å−1)
Fc 3600 0.31 0.24 0.26
Fc 7360 0.039 0.026 0.028

Figure 6. Comparison of the spectrum obtained in 2000 (red) with the
spectrum obtained in 2014 (blue). To facilitate the comparison we have
subtracted off a model for Star C, and scaled the 2014 spectrum by a factor
of 1.4. The most striking changes are (i) the decline in strength of N IV]
λ1486 and He II λ1640 between 2000 and 2014 (in both absolute flux and
EW) and (ii) the higher velocity absorption seen on N V λλ1238, 1242, C IV

λλ1548, 1552, and He II λ1640.

5.1 Variations at phase ∼0.0

In Figs 6 and 7, we compare data at phase zero taken in 2000 and
2014. For the UV, we have scaled the 2014 data by a factor of
1.4 to facilitate profile comparisons. The spectra are remarkably
similar. While the continuum flux in the UV has decreased by
30 per cent over 14 yr, the same spectral lines are present. The
noticeable changes are a significant reduction in the EW of He II

λ1640 and N IV] λ1486, and an increase in the terminal velocity, as
determined from the blueward extent of P Cygni absorption profiles.
Although not easily noticeable on the plots, the FWHM of the C IV

λλ1548, 1552, and He II λ1640 emission lines are somewhat larger
in 2014, although not by as much as would be expected by the
enhancement in V∞. Spectra taken in 2009 are very similar to those
in 2014, except for a larger flux and a V∞ intermediate between
2000 and 2014. Thus the (apparent) increase in V∞ discussed by
Georgiev et al. (2011) has continued.

One surprising aspect is that between 2000 and 2009 the UV
continuum flux (λ < 1700 ) changed less than 5 per cent – the
main change was a reduction in line strengths. The somewhat
larger change in the near UV optical fluxes is probably due
to the larger contribution of emission from the wind at these
wavelengths; however, between 2009 and 2014 the spectrum is
similar while the UV flux (in lines and the continuum) has gone
down by 30 per cent, indicative of a drop in the luminosity of the
system.

For the comparison at longer wavelengths, we use rectified data.
As readily evident from Fig. 7 the spectra are very similar. In general
the line EWs have decreased, although the variation is not the
same for all lines. The EW of N IV λ3481 and N IV λλ7103−7127
have remained relatively constant, while N IV λ4058 and C IV

λλ5801, 5812 have decreased. To further aid our understanding of
the spectral changes, we plot the ratio of the 2000 data relative
to the 2014 data in Fig. 8. As apparent from this figure, the
energy distribution in 2014 is much bluer than in 2000. This
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The enigmatic binary system HD 5980 733

Figure 7. Comparison of spectra obtained in 2000 (red) with that obtained in 2014 (blue). Both spectra were obtained at phase 0.0 when Star B is eclipsed.
While there is a significant decline in line EWs between 2000 and 2014 the spectra are quite similar.

Figure 8. Flux ratio of the STIS spectra obtained in 2000 and 2014 illustrating that the 2000 spectrum was significantly redder than in 2014, and that the
apparent emission ‘bump’ at 2000 Å was also significantly stronger in 2000 than in 2014. The dotted tracing is the normalized spectrum of 2014. Comparison
of this spectrum with the ratio spectrum also shows that the EWs of most emission lines were larger in 2000. Particularly striking is the much stronger C IV λλ

5801, 5812, and He I λ 5876 emission in 2000. These features are amongst the strongest in the ratio spectrum. To compute the ratio spectrum we subtracted
the contribution of Star C, and smoothed over several interstellar features in the UV.

change is consistent with a decline in wind density between 2000
and 2014.

We attribute the bump in Fig. 8, centred at ∼2030 Å, to extra
emission in the He II n − 3 series as we approach the series limit at
2050 Å, and a different slope in the He II (n = 3) continuum. The
bump is close to the interstellar λ2150 bump, but is blueshifted. In
principle, we could get a bump due to extinction if Star C were
not associated with Star A and Star B, since the effective extinction
would change with the relative brightness of Star C to Star A and
Star B. In the fitting we have assumed a single extinction for all
stars.

5.2 Variations at phase ∼0.36

At phase 0.36 Star A is eclipsed. While we have fewer UV
observations at this phase, they are important for understanding
the system. Since we know that the strength of Star A’s wind has
been declining since 1999, we might expect to see substantial
differences between the old data, and the data (at phase 0.36)
obtained in 2016. Because the eclipses are not total, it is also
important to compare data taken at phase ∼0.36 with that taken near
phase ∼0.0.

A comparison of UV spectra at phase 0.37 in 1999 and at phase
0.0 in 2000 (Fig. 9) shows spectra (and fluxes) that are remarkably
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734 D. J. Hillier et al.

Figure 9. Comparison of data at phase 0.36 (red) obtained in 1999 (when Star A is eclipsed) and at phase 0.0 in 2000 (blue) when Star B is eclipsed. The
spectra are remarkably similar – the primary differences are that the absorption extends to higher velocities in the 1999 data and the strength of the Fe IV/Fe V

forest between 1200 and 1500 Å. No scaling of the data has been performed, and to facilitate the comparison we have subtracted off a model for Star C.

similar – the primary differences are that the absorption on N v
λλ1238, 1242, C IV λλ1548, 1552, and He II λ1640 extends to
higher velocities in the 1999 data, and the strength of the Fe V/Fe VI

forest between 1200 and 1500 Å. The weakening of the Fe forest
is consistent with that seen in the simple ‘occulting-disc model’
discussed in Section 4.2. The similarity suggests that most of the
emission spectrum in 1999 at phase 0.36 is associated with Star A.
This is confirmed when we compare 1999 data (phase 0.36) with
2016 data (phase 0.35) (Fig. 10).

N IV] λ1486 is much stronger in the 1999 data – its weakness in
the 2016 data is consistent with the change in the spectrum of Star
A. In 1999 the continuum level is about 10–20 per cent larger than
in 2016 (with Star C subtracted off) and the emission lines (e.g.
He II λ1640 and C IV λλ1548, 1552) exhibit both a larger flux and a
larger EW.

The data taken in 2016 show several spectral anomalies (Figs 11
and 12). First, many of the profiles (including the emission
components of the resonance transitions) are asymmetric. This
asymmetry is readily apparent, even in our low-resolution optical
data obtained with HST. Secondly, the emission profiles indicate
substantially lower velocities than implied by the extent of the
P Cygni absorption profiles associated with C IV λλ1548, 1552,
and N v λλ1238, 1242. Thirdly, the absorption profiles associated
with C IV λλ1548, 1552, and N V λλ1238, 1242 show an anomalous
structure. In particular, the emission does not merge smoothly
with the absorption. In the C IV λλ1548, 1552 profile enhanced
absorption commences abruptly near −1000 km s−1, while in the
N V λλ1238, 1242 profile the absorption commences abruptly near
−500 km s−1 (Fig. 11). The difference between the absorption
onset velocities is due to the doublet nature of these two resonance
transitions. The doublet separation for C IV is ∼500 km s−1, while
for N V it is ∼960 km s−1. A further surprising aspect is the similarity
of the data obtained in 2014 at phase 0 (Star B eclipsed) and in
2016 at phase 0.35 (Star A eclipsed), as illustrated in Fig. 12.
However, there is one striking difference: N V λλ1238, 1242 is
much weaker in the 2016 data set. The same similarity was
noted in the 1999 data, but in 2014/2016 the radius of Star A is

smaller than in 1999, and should be much more similar to that of
Star B.

For He II λ1640 the asymmetry appears to be indicative of
missing emission rather than enhanced blueshifted emission. For
C IV λλ1548, 1552 the situation is less clear – there is less redshifted
emission but also more blueshifted emission. Further, N V λλ1238,
1242 does not exhibit the blueshifted emission profile.

We examine the 2016 data further in Section 7.2. In that section
we also discuss the implications of the 2016 data for understanding
the HD 5980 system.

6 CMFGEN F I T TO TH E 2 0 1 4 DATA

We proceed as in Georgiev et al. (2011) by assuming that Star
B is completely hidden from view at the φ = 0 eclipse. The
adopted spectrum for Star C (which is always in view) is taken into
account and assumed to be that of a O6-7 supergiant, as implied
by the photospheric absorptions (Koenigsberger et al. 2002). The
parameters adopted for Star C are the same as those found by
Georgiev et al. (2011). The contribution of this star to the emission
lines is minimal except for C IV λλ1548, 1552. The absence of
a significant contribution to N V λλ1238, 1242 (the supergiant
actually shows very weak and unblended P Cygni profiles in N V

λλ1238, 1242) and the contribution to the absorption component of
C IV λλ1548, 1552 can easily be discerned (figs 1–3 in Georgiev
et al. 2011, Fig. 14).

For the modelling, we adopt a distance of 64 kpc (the same as
adopted by Georgiev et al. 2011) – the current best estimate for the
distance to the SMC is approximately 62 kpc (Hilditch, Howarth &
Harries 2005; Scowcroft et al. 2016), although due to the tilt and
depth of the SMC there will be some variation in the distance of
individual stars (Scowcroft et al. 2016). For the reddening we adopt
E(B − V) = 0.05 for the galaxy contribution and 0.025 for the
SMC. The total reddening is similar to the value of 0.07 found by
Koenigsberger et al. (1998b) and 0.05 derived by Schmutz & Vacca
(1991). To redden the model spectra we use the extinction law of
Cardelli, Clayton & Mathis (1989) with R = 3.1 for the Galaxy and
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The enigmatic binary system HD 5980 735

Figure 10. Comparison of data obtained at phase 0.36 in 1999 (red) and phase 0.35 in 2016 (blue) when Star A is eclipsed. To facilitate the comparison we
have subtracted off a model for Star C, and we have scaled the 2016 data by a factor of 1.2, although near λ1200 a factor of 1.1 would give better agreement
between the two continua.

Figure 11. Comparison of N V and C IV profiles in 1999 and 2016 when
Star A is eclipsed. To facilitate the comparison we have subtracted off a
model for Star C. Due to changes in the extent of the P Cygni absorption
in Star C, and noise, the absorption profiles dip slightly below zero. Both
the N V and C IV profiles exhibit significantly higher absorption velocities
in 2016. In addition, the 2016 profiles exhibit unusual P Cygni profiles:
there is a sudden onset of absorption as we move towards the blue from line
centre. In N V the onset occurs at ∼−500 km s−1 while in C IV it occurs at
∼−1000 km s−1.

for the SMC. Slight changes in the reddening parameters will alter
the fit quality. In practice it is difficult to get an accurate fit (i.e. to
a few per cent) over both the optical and the UV. This is likely due
to a combination of several factors – uncertainties in the amount of
reddening and the reddening laws, uncertainties in the contribution

Figure 12. Comparison between the HST spectrum obtained in 2014 (phase
0.0, red) and 2016 (phase 0.35, blue). For display purposes the 2016 UV
spectrum has been multiplied by 0.75, and the 2016 optical spectrum by
0.89.

of Star C (and Star B), errors in the parameters derived for Star A,
and the assumption of spherical symmetry.
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The results derived from the model fit to the 2014 data are listed in
Column 7 of Table 4, and compared with the results of Georgiev et al.
(2011) for the other epochs. Also listed in the table are the results
for both Star A and Star B from Shenar et al. (2016). Koenigsberger
et al. (2014) found that a simple scaling of the 2009 model for Star
A by 0.75 (i.e. the V-band flux ratio) provided a reasonable fit to the
combined Star A plus Star B spectra outside eclipse. Due to large
uncertainties in determining the intrinsic spectrum of Star B we do
not provide new estimates for the parameters of Star B. Note that
there is a small difference in the parameters given in this paper and
Nazé et al. (2018). The results in the Nazé et al. (2018) paper are for a
terminal velocity of 3000 km s−1. This velocity matches the highest
velocities seen in the C IV λλ1548, 1552, and N V λλ1238, 1242
profiles, although the model absorption of He II λ1640 is too broad.
In addition, the optical emission profiles are also somewhat too
broad. In this table, R10 and R2/3 correspond to the radii at which the
continuum optical depth τ = 10 and τ = 2/3, respectively. Similarly,
T∗ and Teff are the temperatures at R10 and R2/3, respectively.

The 2014 entire spectral energy distribution obtained with
HST/STIS is plotted in Fig. 13. The very good agreement is
confirmed by inspection of the amplified segments shown in Figs 14
and 15.

The value of R2/3 = 24.2 R¯ in 2014 is close to the value of
23.6 R¯ derived from the continuum eclipse light curve of the
system observed in 1979 by Perrier et al. (2009) if we adopt
a = 150 R¯ for the orbital major semi-axis from Koenigsberger
et al. (2014). This is consistent with the conclusion drawn above
that HD 5980 seems to have reverted to its quiescent state similar
to that in 1979. Furthermore, it now has the smallest mass-loss
rate and luminosity since 1994. These parameters have never been
determined for the quiescent state.

The errors in the parameter determinations are difficult to deter-
mine since they are correlated, and since the fit quality is subjective.
Even if we were to use a quantitative measure of the fit quality the
errors would be subjective – how do we interpret/quantify the errors
when some features cannot be fitted for any reasonable model?
Below we first consider errors arising from the CMFGEN fitting.
Systematic errors, arising from assumptions about the system, will
be addressed later.

The fit to the 2014 spectrum shown in Figs 13–16 corresponds to
V∞ = 2100 km s−1. However, as can clearly be seen in Fig. 16, this
value severely underestimates the extent of the P Cygni absorption
components of C IV λλ1548, 1552. It also underestimates N V

λλ1238, 1242 and, to a lesser extent, He II λ1640. As the absorption
component traces material along only our line of sight it may not
provide the best measure of the ‘average wind’ terminal velocity.
Unfortunately it is difficult to estimate V∞ from the emission
width with our slow velocity law – values ranging from 2000 to
2500 km s−1 are equally compatible with the emission width.

To fit the width of He II λ4686 we needed a slow (i.e. β = 2 or
3) velocity law – β = 1 gives He II lines that are too broad. Our
unusual velocity law (Fig. 17) also seems to give better consistency
between the emission lines and the optical continuum. Is there some
effect arising from the binary interaction, such as radiative braking
or mutual interaction, which necessitates a slow velocity law? Non-
standard velocity laws were seen in early hydrodynamic models for
WR stars (e.g. Schmutz 1997). More recent modelling also gives
slower acceleration due to ionization changes in the stellar wind
(Gräfener & Hamann 2005).

A major issue with our modelling is that there is an inconsistency
between the velocity law and the momentum deposited in the wind
– too little momentum is deposited in our model. In one sense

this is not surprising. For our model the ratio of wind momentum
to radiation momentum (ṀV∞/(L/c)) is 3.2. This is substantially
larger than determined for other WR stars in the SMC, all of which
have values less than unity (Hainich et al. 2015). Changing the
velocity law so that it more closely resembles a classic β = 1
velocity law does not help since we would need either to enhance
Ṁ or reduce the volume filling factor in order to retain a fit to
emission-line strengths.

From the fits we deduce that the volume filling factor (f )
< 0.2, with an indeterminate lower limit. Ṁ/

√
f is derived

from fitting the emission strengths and is known to better than
30 per cent for a fixed velocity law (i.e. 10 × 10−5 M¯ yr−1 <

Ṁ/
√

f < 18 × 10−5 M¯ yr−1). However, if you increase β in the
line-forming region the derived Ṁ/

√
f will decrease. In principle

Ṁ/
√

f also scales with V∞, but V(r) in the He/H emitting region is
constrained by the profile fits. Conservatively, the fitting indicates
that 40 000 K < Teff < 50 000 K. The lower limit is set primarily
by the strength of the He I lines, which become too strong at
lower temperatures. The upper limit comes from a number of
factors – the quality of fit near 52 000 K is noticeably worse,
especially in the UV. T∗ (the effective temperature at τ = 10)
is poorly constrained, since it lies below the optically thick
wind – its value will depend on the density structure below the
sonic point which in turn is sensitive to the closeness of the
star to the Eddington limit. The luminosity is constrained with
0.15 dex.

In addition to fitting errors, it is necessary to examine systematic
errors. All evidence suggests that the system is returning to its pre-
outburst state, and hence is in a state approaching that modelled by
Perrier et al. (2009). With the smaller radius for Star A we expect
Star B to contribute to the primary eclipse spectra. We can estimate
the influence of Star B on our results as follows:

1. Assume Star B has an identical spectrum to Star A, and
contributes 20 per cent to the light/spectra at primary eclipse. With
this assumption the effects on the results are rather small – the
effective temperature would remain the same, the radius would be
reduced by a factor of 0.9, and the mass-loss by a factor of 0.85.
The latter is a result of the use of a scaling relation – similar spectra
are obtained when Ṁ/R∗1.5 is preserved.

2. Assume Star B contributes 20 per cent to the continuum at
primary eclipse, but a larger fraction to the emission lines (again
with a similar spectrum to Star A). If we assume that 40 per cent
of the line flux is due to Star B, then we need to reduce Ṁ by a
factor of ∼0.67 (assuming R is reduced by a factor of 0.9 to give a
20 per cent reduction in the continuum flux).

7 TH E U V P C Y G N I P RO F I L E S

In this section, we discuss the extended absorption troughs on UV
transitions which appear to indicate wind terminal velocities that are
inconsistent with the optical and UV emission-line widths. We also
discuss the unusual P Cygni profiles observed in 2016 when Star
A was eclipsed by Star B. To facilitate the discussion we illustrate
in Figs 18, 19, 20, and 21 the C IV and N V resonance profiles as
a function of both orbital phase and epoch. These profiles have not
been corrected for the influence of Star C.

7.1 Extended P Cygni absorption

The CMFGEN models provide an excellent agreement to the overall
spectral energy distribution and a majority of the emission-line
strengths. However, there is a discrepancy in the fit to the P Cygni
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The enigmatic binary system HD 5980 737

Table 4. Model fits.

Parameter 09/1994a 12/1994b 2000b 2002b 2009b 2009c 2014d B-2009c

JD − 240 000.0 – 49 716.6 51 655.1 52 386.6 55 083.9 – 56 740.9 –
V (mag) (system) – 11.12 11.3 11.6 – – – –
R10(R¯) – 28 20.4 21 19.3 24+10

−7 18.9 22 +15
10

R2/3(R¯) 280 124 34 32 28 26 +10
−7 24.2e 23 +15

10
Teff(kK) – 23 37.3 40 43 – 43 –
T∗(kK) 23 47 48 50 47 – 48 –
Ṁ/

√
f [10−5M¯ yr−1]f 80 111 35 25 23 20 ± 5 14 10+10

−10
f 0.1 0.025 0.025 0.025 0.025 0.1 0.1
Log(L/L¯) 7.05 6.57 6.30 6.39 6.39 6.31 ± 0.1 6.23 6.25 ± 0.15
V∞(km s−1) 500 750 2000 2200 2440 2200 ± 200 2100 1650 ± 100
0 0.75 0.75 0.53 0.53 0.53 – (0.33) –

aDrissen et al. (2001).
bGeorgiev et al. (2011).
cShenar et al. (2016).
dThis paper.
eConsistent with RA = 24 from value of RA/a from Perrier et al. (2009) and a from orbital solution of Koenigsberger et al. (2014).
ff is the volume filling factor and 0 is L/LEDD where LEDD is the Eddington luminosity.

Figure 13. The spectral energy distribution of HD 5980 at orbital phase 0
obtained with HST/STIS in 2014 (red) compared with the CMFGEN model
that provides the best fit. To better illustrate the distribution we use both
linear (top) and logarithmic ordinate scales.

Figure 14. Illustration of the fit (blue) in the UV. Both the N V λλ1238,
1242 doublet, and the Fe VI forest (1250–1320 Å) are somewhat weaker than
observed. The plateau in the observed spectrum (red) is due to a lack of N V

in the O supergiant whose theoretical spectrum is included in the fit.
Figure 15. Amplified portions of the data shown in Fig. 13. The largest
discrepancies are with the N IV lines – N IV λ4058 is too strong in the model
while N IV λλ3479–3485 has a P Cygni absorption component which is not
seen in the low-resolution data.
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738 D. J. Hillier et al.

Figure 16. The line profiles of C IV λλ1548, 1552, and He II λ1640 observed
in 2014 (red) compared with the same CMFGEN model shown in the previous
figures. At this epoch the terminal velocity of the O supergiant is similar to
what we used for Star A.

Figure 17. The velocity law used in the modelling. To avoid very low
velocity gradients near the sonic point the velocity law has β = 1 near the
sonic point but transitions to β = 3 at larger radii.

absorption components of the UV resonance lines when we con-
strain the velocity law by the emission-line widths. Specifically,
we observe a plateau in the N V and C IV absorption components
that extends out to −3000 km s−1, whereas VA

∞ ≤ 2500 km s−1 is
derived from the CMFGEN model fit.

Anomalous P Cygni absorption components have been observed
previously in HD 5980’s spectra. The first documented example can
be found in IUE spectra obtained shortly after the 1994 eruption
in the Si IV λλ1394, 1403 P Cygni absorption component. While
lower ionization atomic species such as Al III and Si II display a
maximum extent <800 km s−1, the Si IV doublet has a maximum
extent of ∼1700 km s−1 (González & Koenigsberger 2014). This
phenomenon was interpreted in terms of a ‘fossil’ wind which left
the system prior to the rapid decline in wind speed associated with
the eruption, an interpretation that is supported by the observations
which indicate that the wind speed of Star A just prior to the eruption
was ∼1700 km s−1 and that the column density remains high enough
for detection a long time after the material has left the system.

The second documented example is found in the 1999 HST/STIS
FUV spectrum obtained at φ = 0.36 in which the wings of the
P Cygni absorptions indicated wind speeds of ∼3000 km s−1. This
is ∼800 km s−1 faster than observed at the other orbital phases when
Star B is unocculted by Star A. The fact that Star B was in front
of Star A at this time led to the interpretation that the faster wind

Figure 18. P Cygni absorptions of C IV λλ1548, 1552 over time. Top:
Orbital phases around the time when Star A is in front of Star B; Bottom:
Orbital phases when Star B is in front. The epoch of observation is noted.
The vertical line that is labelled ‘C’ indicates the extent of the saturated
absorption component of Star C. The vertical lines labelled ‘A’ and ‘B’
indicate the possible (and hence the ?) location of the absorption edge
from Star A and Star B, respectively. The origin of the highest velocity
absorption seen when Star A is eclipsed is uncertain, hence the ??. Each
spectrum is shifted horizontally to correct for the orbital motion of Star
A, and shifted vertically for clarity in the figure. The vertical shift is n ×
2.5 × 10−12 erg cm−2 s−1 Å−1, with n = 0,1.... The velocity scale is centred
on the laboratory wavelength of C IV λ1548 and corrected for an SMC +
150 km s−1 systemic velocity.

originated in Star B, but was impossible to detect at other orbital
phases due to the constraining effect of the wind–wind ‘shock cone’
produced through the interaction with Star A’s slower, but more
powerful, wind. However, adopting an interpretation in terms of a
‘fossil’ wind, it is possible that the fast wind arises in Star A at some
orbital phase <0.36.
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The enigmatic binary system HD 5980 739

The evolution over time of the C IV λλ1548, 1552 P Cygni
absorption component is shown in Fig. 18 around the eclipse phases.
The progression towards a more extended and shallow absorption
between 1991 and 2014 is clearly visible, as is the similarity between
the 2014 and the 1979 components.

The seven IUE spectra that were observed in 1979–1981 display
similarly extended P Cygni absorptions. These were obtained at
different orbital phases, including 0.91 (Star A in the foreground)
and 0.48 (Star B in the foreground). Only two UV spectra of HD
5980 are available for the 2014–2016 epoch. Thus, we can only
speculate at this time on whether the extended absorption is present
also in the current epoch at all orbital phases, and on the origin of
the fast-wind component and its implications. It is also interesting
to note that the discrepancy was already present in 2009, but at that
time we favoured fitting C IV (leading to VA

∞ = 2440 km s−1), and
the anomalous absorption component appeared in He II λ1640 (see
fig. 11 in Georgiev et al. 2011). The anomaly was not evident in the
fit to the 2002 STIS spectrum ( VA

∞ = 2200 km s−1), although an
anomaly was noted by Koenigsberger et al. (2006) in the FUSE line
profiles of the same year. They concluded that VA

∞ ∼ 1750 km s−1,
but noted the presence of additional absorption extending out to
−2200 km s−1. Hence, whatever is causing the anomaly, it is an
effect that is growing in importance as Star A’s mass-loss rate
declines. The change could be related to the optical depth of Star
A’s wind, or the geometry of the wind–wind collision ‘shock cone’,
since both are influenced by a smaller ṀA.

There are several possible explanations for the anomalous ab-
sorption:

(i) In ‘single’ stars extended absorption is often seen on UV
P Cygni profiles and this is associated with instabilities associated
with line driving. V∞ is usually associated with Vblack, which is the
maximum blueward extent of the ‘flat’ minimum of the saturated
absorption trough. In Fig. 18, we show the C IV λλ1548, 1552
profile at both eclipses. The extended absorption blueward of Vblack

is easily seen. In a steady wind with a monotonic velocity law we
expect the blue edge to be sharp and vertical, since the optical
depth will still (generally) be large when the wind reaches its
terminal speed. For the 2014 data set it might be possible to use
the same explanation for the extended absorption on C IV λλ1548,
1552; however, the absorption on N V λλ1238, 1242 is almost black
to 3000 km s−1 suggesting this is unlikely to be the explanation.
Further, the presence of the same phenomenon at other epochs, even
when Star A’s terminal velocity was much lower, would suggest that
the extended absorption is associated with the binary nature of the
system.

(ii) In 2014, V A
∞ = 3000 km s−1 and the neglect in CMFGEN of

the binary interaction effects leads to the discrepancy between the
model fit and the observed spectrum. Since both components of the
AB binary possess strong winds, a wind–wind interaction region
necessarily is present. As noted earlier, the semimajor axis of the
system is only ∼7 stellar radii. Thus when Star A is eclipsing Star
B, its wind on the far side from the observer will be substantially
modified. Second, the similarity of the stars makes it likely that
the radiation from each of them is strongly affecting the wind in
the hemisphere facing its companion. In the simplest scenario (and
assuming emission from Star A dominates) this would give rise to
asymmetric and blueshifted emission profiles; however, this is not
obvious in the 2014 data.

(iii) Star B has a fast wind with V B
∞ ∼ 3000 km s−1. As Star A

passes in front of Star B, we see the former wind of Star B in
projection against Star A, producing the anomalous absorption.

As noted earlier, the anomalous absorption has been becoming
more evident as Star A’s mass-loss declines. Two effects can be
contributing to this evolution. First, as the mass-loss declines the
opening angle of the bow shock will increase, allowing a more
prominent Star B wind. However, calculations by Nazé et al. (2018)
show that this is not a large effect, at least after 2000. Secondly,
when Star A was in its ‘bright’ state, its thicker wind could have
prevented UV photons from maintaining the ionization of Star B’s
wind.

(iv) The wind of Star A is modified by the radiation field of
Star B. This idea is supported by the study of FUSE spectra
(Koenigsberger et al. 2006), in which the wind structure of Star
A in the direction of Star B was found to be altered with respect
to other orientations. Usually we are primarily concerned with the
influence of the radiation field altering the wind structure between
the stars. However, it can also potentially affect the freely streaming
wind. For example, if we assume that the two stars are identical,
the flux from Star B at 10 R∗ from Star A (∼17.5 R∗ from Star B,
and ignoring occultation effects) is ∼30 per cent of Star A which
is significant enough to enhance the acceleration of Star A’s wind,
especially if its flux distribution is better tuned to drive the wind of
Star A (i.e. if the peak of its flux distribution better matches the line
distribution). The extended absorption is produced in wind regions
that lie beyond the orbital radius and are subjected to a velocity
‘boost’ from the emerging radiation field of both stars.

(v) The wind of Star A (and/or Star B) is intrinsically aspherical
and/or its structure is variable on orbital time-scales. The orbit is
sufficiently eccentric so that the tidal interaction leads to a more
bloated radius around periastron than around apastron. Assuming
Star A has ∼24 R¯, the equatorial maximum radius is ∼0.05 R¯
larger at periastron than at apastron. Although this may seem
like an insignificant effect, the potentially non-linear interplay
between radius, luminosity, mass-loss rate and wind speed could
lead to a transition in the wind structure between periastron and
apastron. In addition, the incoming radiation field from Star B
also varies between periastron and apastron, being more diluted at
apastron.

(vi) A final possibility is the outward spiralling of the colliding
wind region, as is detected in some WR systems. As mentioned
below, we need UV spectra out of eclipses to see if the extended
component is present.

Some of these alternatives could be tested with new observations
over an entire orbital cycle, as with those obtained by IUE in
1989–91 and HST in 1999. We illustrate in Fig. 21 pairs of N V

λλ1238, 1242 line profiles obtained in 1991 and 1999 at the same
two orbital phases. The UV spectra at these two epochs are similar,
although the latter epoch has stronger lines and a higher continuum
level. Despite these epoch-related differences, the phase-dependent
variations present in Fig. 21 are the same, within the uncertainties
of the data. Specifically, there is a clear velocity shift between
orbital phase φ = 0.83, when Star A is approaching the observer
and φ = 0.05, when it is receding, which is consistent with
the orbital motion of Star A. The phase-related difference in the
emission component is also the same. In summary, it may now be
possible to pin down the nature of the interaction effects causing
phase-dependent variations as observed in HD 5980 which, once
understood, may shed light on peculiarities that are emerging from
the analysis of other, more distant and less well-studied massive
star systems.
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740 D. J. Hillier et al.

Figure 19. Line profiles at orbital phase ∼0.36 at different epochs compared
with their counterparts around φ ∼ 0.0 (dotted, red). Years (shown at left
in each panel) and phases (shown at right in each panel) are given for φ ∼
0.36 in the upper listing and for φ ∼ 0.0 in the lower listing. The N V profile
at φ = 0.05 was shifted by −150 km s−1 to correct for the orbital motion of
Star A at that phase. This same shift was not applied to the C IV profile.

7.2 The 2016 data – eclipse of Star A by Star B

As discussed earlier, the 2016 data show unusual profiles. First,
many of the emission profiles are asymmetric. This effect is easily
seen in the UV data, and is even evident in the lower resolution
optical data (Fig. 12). Secondly, the C IV λλ1548, 1552 and N V

λλ1238, 1242 P Cygni absorption components show an anomalous
structure. Thirdly, the C IV λλ1548, 1552 transition, unlike N V

λλ1238, 1242 shows a blueshifted profile. What is the cause of the
unusual profiles?

The asymmetry of He II λ1640 suggests an absence of redshifted
emission rather than an enhancement of blueshifted emission. This
can be seen in Fig. 12, where we compare the 2014 and 2016 UV
data. Conversely, the C IV λλ1548, 1552 profile exhibits enhanced

Figure 20. Line profiles at orbital phase ∼0.8 at different epochs compared
with their counterparts around φ ∼ 0.0 (dotted, red). Years (shown at left in
each panel) and phases (shown at right in each panel) are given for φ ∼ 0.8
in the upper listing and for φ ∼ 0.0 in the lower listing.

blue emission, as well as an apparent suppression of the emission on
the red side (Figs 11 and 22). However, we do not see any obvious
indication of redshifted absorption. At phase 0, such absorption
could arise as photons from Star A pass through the receding
hemisphere (as viewed from Earth) of Star B’s wind.

One possible interpretation of the 2016 data is that the emission
lines are primarily coming from Star B. The asymmetry is caused by
the interaction of Star A’s wind with Star B’s wind which suppresses
some of the red emission coming from Star B. The same mechanism
can explain the blueshifted C IV λλ1548, 1552 emission, and the lack
of blueshift for N V λλ1238, 1242. For the N V doublet the emission
component is formed deeper in the wind, and hence will not be
so strongly influenced by the modifications of Star A’s wind by
Star B.
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The enigmatic binary system HD 5980 741

Figure 21. Comparison of 1999 and 1991 line profiles of N V at the same
two orbital phases, 0.05 (dotted, red) and 0.83 (black). No horizontal shifts to
correct for orbital motion have been applied. Dashed lines indicate expected
location of the Star A P Cygni absorption edge at the two orbital phases,
assuming it is located at 2200 km s−1 in the Star A rest frame. The 1999 pair
of spectra is shifted vertically for clarity in the figure.

Figure 22. Comparison between the N V λλ1238, 1242, and C IV λλ1548,
1552 resonance profiles obtained in 2014 (phase 0.0, red) and 2016 (phase
0.37, blue). For display purposes the 2016 UV spectrum has been divided
by 1.3. These profiles have been corrected for the influence of Star C.

What about the sudden onset of extra absorption in the C IV

λλ1548, 1552, and N V λλ1238, 1242 profiles? After making
allowances for the doublet structure of the resonance transitions, the
data suggest that the absorption begins at a velocity of 1500 km s−1.
As the absorption is contaminated by the classical P Cygni absorp-
tion the maximum velocity of this gas can only be constrained if
we assume it dominates the absorption component. In this case the
two resonance lines indicate velocities approaching ∼3500 km s−1,

with the maximum extent of the ‘black’ absorption trough indicating
velocities of ∼3000 km s−1. Since the intensity in the trough goes to
zero, the absorbing gas must be located between us and both stars,
that is, on the near side of Star B.

The ‘detached’ absorption could be caused by a partial shell of
material that absorbs light from both Star A and Star B. Such a
shell could be produced, for example, if the inner region of Star B’s
wind was so highly ionized that no C IV λλ1548, 1552 absorption is
produced for velocities less than 1500 km s−1. By itself, this scenario
cannot explain the blueshifted C IV λλ1548, 1552 emission.

8 C O N C L U S I O N S

The observations of HD 5980 obtained by HST/STIS in 2014 indi-
cate that the mass-loss rate and luminosity of Star A have reached
the lowest values ever determined: Ṁ ∼ 4.5 × 10−5M¯ yr−1, L ∼
1.7 × 106 L¯. In addition, the best-fitting radius of the continuum-
emitting region is similar to that derived from the eclipse light
curves of the late 1970s. Hence, it appears to have attained a similar
‘low’ state to that of the late 1970s. The present estimates of the
parameters of Star A were derived assuming that the spectrum at
phase 0 is dominated by Star A. However as Star A has faded, and
as its mass-loss shrinks, this assumption is becoming less tenable.
Thus it is probable that the values given above are overestimates for
this star.

Despite the good fit to the emission spectrum taken in 2014
at phase 0, there is a discrepancy between the observed P Cygni
absorption components of the resonance lines and the model fits.
Specifically, the observed profiles are extended by more than
∼1000 km s−1 over that predicted by the emission-line widths.
Assuming a larger terminal wind speed for the model does not
resolve this issue, since it results in emission-line profiles that are
too strong compared to the observations. Hence, the explanation
may lie in a departure from spherical symmetry in the wind of the
star being modelled, an effect not accounted for by the CMFGEN

models. The asymmetry is likely to be related to the perturbation
of the LBV/WR wind by radiation from the companion star, and
the wind–wind interaction. It is noteworthy that the discrepancy
between the CMFGEN models and the observations has become
greater as the mass-loss rate has been declining.

The UV data taken in 2016 provides an even larger puzzle.
In particular, both N V λλ1238, 1242, and C IV λλ1548, 1552
show detached absorption in their P Cygni absorption components.
From the ‘detached’ absorption we infer the existence of material
with velocities from 1500 to 3000 km s−1 (and possibly as high
as 3500 km s−1) along our line of sight. Another puzzle is that
emission lines are asymmetric. The He II λ1640 profile indicates a
lack of redshifted emission, while the C IV λλ1548, 1552 doublet
profile is noticeably shifted to the blue. The anomalous profiles are
not seen in data taken in 1999 at the same phase, and are not readily
apparent in any other data sets.

Detailed hydrodynamical modelling is required in order to
constrain the wind–wind interaction region, as is a multidimensional
treatment of the radiative transfer. The relatively short period and
strong winds means dynamical effects are important – at any phase
we cannot assume that we are looking at a system which has reached
equilibrium. This is seen in the data – profiles at the two greatest
elongations (phases ∼0.14 and ∼0.76) are inconsistent with each
other (e.g. Foellmi et al. 2008), and this is unlikely to be due to the
difference in orbital separation. Further, modification of the winds
by the radiation field of the companion star will occur, and because
of the elliptical orbit, will be phase dependent.
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It is important to note that the type of interaction effects we
describe here are expected to be prevalent among massive binary
systems in general, and that the proper fitting of their spectra will
also require these interaction effects to be taken into account. The
only difference between the many expected systems with these
effects and HD 5980 is that in the latter the effects are accentuated,
due to the large mass-loss rate, which allows them to be studied
more easily. HD 5980 also provides the extraordinary opportunity
for modelling a system in which different momentum balances
have been present at different times, but for which the masses and
orbital parameters have remained relatively constant. Because the
system is eclipsing, because of similarities in the star masses and
luminosities, and because of the variability of Star A, current and
future observations of this system will provide strong constraints
on binary interactions, interacting winds, and radiation damping.
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